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ABSTRACT
We computed the power spectrum of weak cosmic shear in models with non-Gaussian pri-
mordial density fluctuations. Cosmological initial conditions deviating from Gaussianity have
recently attracted much attention in the literature, especially with respect to their effect on
the formation of non-linear structures and because of the bounds that they can put on the
inflationary epoch. The fully non-linear matter power spectrum was evaluated with the use
of the physically motivated, semi-analytic halo model, where the mass function and linear
halo bias were suitably corrected for non-Gaussian cosmologies. In agreement with previ-
ous work, we found that a level of non-Gaussianity compatible with CMB bounds and with
positive skewness produces an increase in power of the order of a few percent at intermedi-
ate scales. We then used the matter power spectrum, together with observationally motivated
background source redshift distributions in order to compute the cosmological weak lensing
power spectrum. We found that the degree of deviation from the power spectrum of the ref-
erence Gaussian model is small compared to the statistical error expected from even future
weak lensing surveys. However, summing the signal over a large range of multipoles can beat
down the noise, bringing to a significant detection of non-Gaussianity at the level of | fNL| ≃
few tens, when all other cosmological parameters are held fixed. Finally, we have shown that
the constraints on the level of non-Gaussianity can be improved by ∼ 20% with the use of
weak lensing tomography.
1 INTRODUCTION
One of the major success of the inflationary scenario for the early
Universe is that it explains the formation of the seed fluctua-
tions in the dark matter density field that, due to gravitational in-
stability, eventually formed non-linear structures such as galax-
ies, galaxy clusters and voids (Guth 1981; Brandenberger 1984;
Kofman & Linde 1987). In the simplest model of inflation, the
early accelerated expansion phase of the Universe was driven by
a single, minimally coupled scalar field. In this case, density fluc-
tuations are predicted to follow an almost Gaussian probability
distribution. Significant deviations from Gaussianity are however
predicted in many of the more elaborated models of inflation that
have been developed up to date (Matarrese, Lucchin, & Bonometto
1986; Allen, Grinstein, & Wise 1987).
The most recent analysis of the Cosmic Microwave Back-
ground radiation power spectrum of temperature fluctuations
(CMB henceforth, Dunkley et al. 2009; Komatsu et al. 2009, see
also Smith, Senatore, & Zaldarriaga 2009) is consistent with Gaus-
sian primordial density perturbations, although a significant level
of non-Gaussianity is still allowed. Inflationary models exist pre-
dicting a scale dependent behavior for the non-Gaussian amplitude
(LoVerde et al. 2008), implying that the amount of deviation from
Gaussianity might be different between the large scales probed by
the CMB and the small scales probed by galaxies and galaxy clus-
ters.
In light of this, it is important to understand the effect on
structure formation in the Universe of non-Gaussianity levels
compatible with CMB bounds and/or with a significant scale
evolution. This kind of problem has recently attracted much
attention in the literature, with efforts directed towards the abun-
dance of nonlinear structures (Matarrese, Verde, & Jimenez
2000; Verde et al. 2000; Mathis, Diego, & Silk 2004;
Kang, Norberg, & Silk 2007; Grossi et al. 2007, 2009;
Maggiore & Riotto 2009), halo biasing (Dalal et al. 2008;
McDonald 2008; Fedeli, Moscardini, & Matarrese 2009), galaxy
bispectrum (Sefusatti & Komatsu 2007; Jeong & Komatsu 2009),
mass density distribution (Grossi et al. 2008) and topology
(Matsubara 2003; Hikage et al. 2008), integrated Sachs-Wolfe ef-
fect (Afshordi & Tolley 2008; Carbone, Verde, & Matarrese 2008),
Ly-α flux from low-density intergalactic medium (Viel et al. 2009),
21 cm fluctuations (Cooray 2006; Pillepich, Porciani, & Matarrese
2007) and reionization (Crociani et al. 2009).
One particular observable quantity that should be affected
in a non-trivial way by non-Gaussianity is the fully non-linear
power spectrum of the large-scale dark matter distribution. Stud-
ies of the effect of non-Gaussian initial conditions on this ob-
servable have been recently put forward with numerical n-body
simulations (Grossi et al. 2008), with renormalized perturbation
c© 0000 RAS
2 C. Fedeli & L. Moscardini
theory (Taruya, Koyama, & Matsubara 2008) and by using both
(Giannantonio & Porciani 2009). Although differences exist be-
tween different works, they all agree in setting the effect of non-
Gaussianity to a few percent at most on mildly non-linear scales.
Observationally, the matter power spectrum on scales smaller
than CMB scales is usually measured by looking at the distribu-
tion of pairs of galaxies, that are known to be biased tracers of the
underlying matter density field. More recently however the gravita-
tional deflection of light has also been shown to be usable in order
to map the large scale distribution of dark matter, having the addi-
tional advantage of being insensitive to the problems related with
the bias of luminous tracers. The tradeoff for this advantage is that
cosmic shear can measure only a projected version of the matter
power spectrum, that depends on the assumed redshift distribution
of the background source galaxies.
In this paper we focused on this approach, namely we aimed
at understanding what kind of constraints can be put on deviations
from primordial Gaussianity using the weak lensing power spec-
trum. As an example, attention was devoted to planned wide field
optical surveys, such as the ESA Cosmic Vision project EUCLID
(Laureijs 2009). The rest of this work is organized as follows. In
Section 2 we describe the non-Gaussian cosmologies considered
in this work and how deviations from Gaussianity alter the mass
function and the halo bias, both required for computing the non-
linear power spectrum. In Section 3 we discuss in detail the way
in which we modeled the fully non-linear matter power spectrum,
with particular attention to the assumptions, advantages and draw-
backs underlying the method. In Section 4 we describe our results
concerning the weak lensing power spectrum, and in Section 5 we
draw our conclusions.
For the relevant calculations we adopted as a reference cos-
mology the one resulting from the best fit WMAP-5 parameters
together with type-Ia supernovae and the observed Baryon Acous-
tic Oscillation (BAO). The present values of the density parameters
for matter, dark energy and baryons areΩm,0 = 0.279,ΩΛ,0 = 0.721
and Ωb,0 = 0.046, respectively. The Hubble constant reads H0 =
h100 km s−1 Mpc−1, with h = 0.701. The slope of the primordial
power spectrum of density fluctuations is n = 0.96, while the nor-
malization is set by the rms of the density field on a comoving scale
of 8h−1 Mpc, σ8 = 0.817. To construct the linear power spectrum
we used the matter transfer function of Bardeen et al. (1986), mod-
ified according to the shape factor of Sugiyama (1995). The more
sophisticated prescription of Eisenstein & Hu (1998) is almost co-
incident with the former, except for the presence of the BAO, that
is not of interest here.
2 NON-GAUSSIAN COSMOLOGIES
Simple generalizations of the most standard model of inflation
give rise to seed primordial density fluctuations that follow a
non-Gaussian probability distribution. A particularly simple way
to parametrize the deviation of this distribution from a Gaus-
sian consists of writing the Bardeen’s gauge invariant potential
Φ as the sum of a linear Gaussian term and a quadratic correc-
tion (Salopek & Bond 1990; Gangui et al. 1994; Verde et al. 2000;
Komatsu & Spergel 2001),
Φ = ΦG + fNL ∗
(
Φ
2
G − 〈Φ2G〉
)
. (1)
In Eq. (1) the symbol ∗ denotes convolution between functions, and
reduces to simple multiplication only in the particular case in which
fNL is a constant, while in general it is a function of the scale. Note
that on scales smaller than the Hubble radius Φ equals minus the
Newtonian peculiar gravitational potential.
In the following, we adopted the Large Scale Struc-
ture convention (as opposed to the CMB convention, see
Afshordi & Tolley 2008; Pillepich, Porciani, & Hahn 2009;
Carbone, Verde, & Matarrese 2008; Grossi et al. 2009) for
defining the fundamental parameter fNL. According to this, the
primordial value of Φ has to be linearly extrapolated at z = 0,
and as a consequence the constraints given on fNL by the CMB
have to be raised of ∼ 30% to comply with this paper’s convention
(see also Fedeli, Moscardini, & Matarrese 2009 for a concise
explanation).
If the distribution of the primordial density (and potential) per-
turbations is not Gaussian, then it cannot be fully described by the
power spectrum PΦ(k) only, but we also need higher-order mo-
ments such as the bispectrum BΦ(k1,k2,k3). In particular, different
models of inflation give rise to different shapes of the bispectrum.
In the following we shall adopt two particularly popular bispectrum
shapes. The first one is dubbed the local shape. In this case, the bis-
pectrum is maximized for configurations in which one of the three
momenta is much smaller than the other two (”squeezed” config-
urations). The parameter fNL is a dimensionless constant, and the
bispectrum can be written as (Creminelli et al. 2007; LoVerde et al.
2008)
BΦ(k1,k2,k3) = 2 fNLB2
[
kn−41 kn−42 + kn−41 kn−43 + kn−42 kn−43
]
, (2)
where ki = ‖ki‖. The constant B is the amplitude of the spectrum
PΦ(k), related to the amplitude A of the power spectrum of den-
sity fluctuations by the relation B = 9AH40Ω2m,0/4. The second bis-
pectrum shape is the equilateral shape, where the bispectrum is
maximized by configurations where the three arguments have ap-
proximately the same magnitude. In the latter case, the primordial
bispectrum takes the cumbersome form
BΦ(k1,k2,k3) = 6 fNLB2
[
k(n−4)/31 k
2(n−4)/3
2 k
n−4
3 +
+ k(n−4)/33 k
2(n−4)/3
1 k
n−4
2 + k
(n−4)/3
2 k
2(n−4)/3
3 k
n−4
1 +
+ k(n−4)/31 k
2(n−4)/3
3 k
n−4
2 + k
(n−4)/3
2 k
2(n−4)/3
1 k
n−4
3 +
+ k(n−4)/33 k
2(n−4)/3
2 k
n−4
1 − kn−41 kn−42 − kn−41 kn−43 −
− kn−42 kn−43 − 2k2(n−4)/31 k2(n−4)/32 k2(n−4)/33
]
. (3)
Most importantly, in inflationary models that predict an equilat-
eral primordial bispectrum, the parameter fNL is in general depen-
dent on the scales. We adopt here the functional form suggested by
LoVerde et al. (2008), according to which
fNL(k1,k2, k3) = fNL,0
(
k1 + k2 + k3
kCMB
)−2κ
. (4)
The functional form of Eq. (4) is chosen in order to avoid violating
the WMAP constraints. Specifically, fNL,0 represents the non-linear
parameter evaluated at the scale kCMB = 0.086h Mpc−1 roughly cor-
responding to the largest multipole used by Komatsu et al. (2009)
to estimate non-Gaussianity in the WMAP data, l = 700. The con-
stant free parameter κ is assumed to be |κ| ≪ 1 between CMB and
cluster scales (LoVerde et al. 2008; Crociani et al. 2009), in order
to enhance non-Gaussianity on scales smaller than CMB. In previ-
ous work (Fedeli, Moscardini, & Matarrese 2009), we adopted the
values κ = 0,−0.1,−0.2. Here, for simplicity we limit ourselves to
the case κ = −0.2, that is expected to give the largest effect. Also,
for ease of notation, in the equilateral case we shall henceforth write
fNL meaning fNL,0, since no ambiguity will arise.
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At least two of the ingredients that make up the non-linear
matter power spectrum (Section 3) are modified in cosmologies
with non-Gaussian initial conditions: the halo mass function and
the linear bias. The mass function n(M, z) is the number of struc-
tures within the unit mass around M that at redshift z is contained in
the unit comoving volume. An often used prescription for the mass
function in Gaussian cosmologies is the one of Press & Schechter
(1974), that however tends to overpredict halo abundance at low
masses with respect to the results of numerical n-body sim-
ulations. Other prescriptions exist, whose parameters are fitted
against n-body simulations (Jenkins et al. 2001; Warren et al. 2006;
Tinker et al. 2008) or determined based on more realistic mod-
els for the collapse of density perturbations (Sheth, Mo, & Tormen
2001; Sheth & Tormen 2002). We used the latter prescription in the
remainder of this work. The Sheth & Tormen (2002) mass function
in non-Gaussian models can then be written as
n(M, z) = n(G)(M, z) nPS(M, z)
n
(G)
PS (M, z)
, (5)
where in our case n(G)(M, z) is the mass function in the Gaus-
sian cosmology computed according to the Sheth & Tormen
(2002) prescription and nPS(M, z) and n(G)PS (M, z) represent the
Press & Schechter (1974) mass functions in the non-Gaussian and
reference Gaussian models respectively. Following LoVerde et al.
(2008), we write the mass function nPS(M, z) as
nPS(M, z) = −
√
2
pi
ρm
M
exp
[
− δ
2
c(z)
2σ2M
] [
d lnσM
dM
(
δc(z)
σM
+
+
S 3σM
6
(
δ4c(z)
σ4M
− 2δ
2
c(z)
σ2M
− 1
))
+
+
1
6
dS 3
dM σM
(
δ2c(z)
σ2M
− 1
)]
. (6)
Eq. (6) has been obtained by Edgeworth expanding the prob-
ability distribution for smoothed density fluctuations and δc(z) ≡
∆c/D+(z), where the quantity ∆c is the linear density threshold
for spherical collapse, that is constant in an Einstein-de Sitter
model and only mildly dependent on redshift in models with a
cosmological constant. We included this redshift dependence in
our calculations but do not indicate it explicitely, since it is prac-
tically irrelevant. The function D+(z) is the linear growth factor
for density fluctuations, while σM is the rms of density perturba-
tions smoothed on a scale corresponding to mass M. The function
S 3(M) ≡ fNL,0µ3(M)/σ4M is the normalized skewness. Note that Eq.
(6) reduces to the standard n(G)PS (M, z) in the case in which S 3(M)
vanishes identically. The third-order moment µ3(M) can be written
as
µ3(M) =
∫
R9
MR(k1)MR(k2)MR(k3)BΦ(k1, k2,k3) dk1dk2dk3(2pi)9 . (7)
The function MR(k) relates the Fourier transform of density fluctu-
ations smoothed on some scale R to the relative peculiar potential,
and it is defined as
MR(k) ≡ 23
T (k)k2
H20Ωm,0
WR(k), (8)
where T (k) is the matter transfer function and WR(k) is the Fourier
transform of the top-hat window function. For an alternative deriva-
tion of nPS(M, z), see Matarrese, Verde, & Jimenez (2000).
The linear bias describes how well dark matter halos trace the
underlying large scale matter distribution, and is needed in order
to account for the correlation between different halos. For it we
adopted the Sheth, Mo, & Tormen (2001) modification of the orig-
inal Mo & White (1996) formula, obtained with Press & Schechter
(1974)-like considerations in Gaussian cosmologies, that reads
b(G)(M, z) = 1 + a ∆c
D2+(z)σ2M
− 1
∆c
+
+
2p
∆c
[ [D+(z)σM]2p
[D+(z)σM]2p + [
√
a∆c]2p
]
. (9)
The original Mo & White (1996) formula is obtained by setting a =
1 and p = 0 in Eq. (9), while the Sheth, Mo, & Tormen (2001)
revision is obtained with the values a = 0.75 and p = 0.3.
In non-Gaussian models, the bias acquires an extra scale de-
pendence that can be written as (Matarrese & Verde 2008)
b(M, z, k) = b(G)(M, z) + ∆b(M, z, k), (10)
where
∆b(M, z, k) =
[
b(G)(M, z) − 1
]
δc(z)ΓR(k). (11)
The term ΓR(k) encapsulates all the dependence on the scale, and
can be written as
ΓR(k) = 18pi2σ2MMR(k)
∫
+∞
0
ζ2MR(ζ) ×
×

∫ 1
−1
MR
(√
α
) BΦ (ζ, √α, k)
PΦ(k) dµ
 dζ, (12)
where α ≡ k2 + ζ2 + 2kζµ and R is the top-hat radius corresponding
to the mass M. In the particular case of a primordial bispectrum of
local shape, the previous equation simplifies to
ΓR(k) = 2 fNL8pi2σ2MMR(k)
∫
+∞
0
ζ2MR(ζ)PΦ(ζ) ×
×

∫ 1
−1
MR
(√
α
) PΦ (√α)
PΦ(k) dµ
 dζ. (13)
In the next section we show how the mass function and halo
bias enter the non-linear matter power spectrum, and what is the
subsequent effect of primordial non-Gaussianity.
3 MODELING THE NON-LINEAR POWER SPECTRUM
We computed the fully non-linear matter power spectrum by using
the halo model developed by Ma & Fry (2000) and Seljak (2000).
In this model, the power spectrum is set by the sum of two terms.
The first one, dominating on large scales, is given by dark-matter
particle pairs residing in different halos, hence it depends on the
correlations of individual halos. The second term, dominating on
the smallest scales, takes into account particle pairs that are in-
cluded in the same halo, hence it is extremely sensitive to the inner
structure of halos themselves. This kind of decomposition of the
matter power spectrum probably has a deeper rooting than simple
power spectrum modeling, since it also arises in renormalized per-
turbation theory (Crocce & Scoccimarro 2006a,b).
The main ingredients entering in this model are the mass func-
tion, the halo bias and the halo internal structure. The first two were
discussed in Section 2, including their modifications due to non-
Gaussian initial conditions. The only additional point that we make
c© 0000 RAS, MNRAS 000, 000–000
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here is that one of the hypotheses underlying the halo model for
the power spectrum is that all the matter in the Universe is included
inside halos of some mass. This imposes the constraint∫
+∞
0
n(M, z) M
ρm
dM = 1, (14)
where ρm is the average comoving matter density. As can be
easily verified, this constraint is fulfilled in Gaussian cosmolo-
gies by the Press & Schechter (1974) mass function, and also the
Sheth & Tormen (2002) mass function is normalized such to sat-
isfy Eq. (14). Numerically however it is not possible to push the
lower integration bound down to zero, rather the integration will
be stopped to some Minf > 0. As noted by Refregier & Teyssier
(2002), decreasing Minf makes the integral on the left-hand side
of Eq. (14) approach unity, however this happens very slowly in
CDM models, so that effectively, even if Minf is very small, the
integral will still be significantly different from unity. We solved
this following Refregier & Teyssier (2002), namely by enforcing
the constraint in Eq. (14) by adding a constant to the mass func-
tion in the smallest mass bin that is considered when perform-
ing the integration numerically. In the present work, we assumed
Minf = 106 M⊙h−1.
3.1 Halo density profile
We assumed that dark matter halos in both Gaussian and non-
Gaussian cosmological models are on average well described by a
generalized Navarro, Frenk, & White (1996) (NFW henceforth, see
also Navarro, Frenk, & White 1995, 1997) density profile, written
as
ρ(r) = ρs(r/rs)α(1 + r/rs)3−α , (15)
which reduces to the standard NFW model for α = 1
(Amara & Refregier 2004). For full generality we developed the
following calculations for any value of α, however when evaluating
the effect of non-Gaussianity on the power spectrum we specialized
mostly to the case α = 1, with only a minor discussion on the role
of the inner slope. The total mass of the halo that is included inside
some radius r can be computed as (Takada & Jain 2003)
M(r) = 4pi
∫ r
0
ρ(x)x2dx =
=
4piρsr3s
3 − α 2F1
(
3 − α, 3 − α; 4 − α;− r
rs
) (
r
rs
)3−α
≡
≡ 4piρsr3s Gα(r/rs). (16)
In Eq. (16), the function 2F1 is the Gauss hypergeometric function,
and in the particular case α = 1, the function Gα reduces to the well
known form
G1(x) = ln(1 + x) − x1 + x . (17)
The two parameters rs and ρs completely specify the density
profile and can be expressed in terms of the virial mass M and con-
centration c. In the remainder of this work we defined the virial
mass as the mass contained in the sphere whose mean density
equals ∆v = 200 times the average density of the Universe, that
is
M =
4
3piR
3
v∆vρm. (18)
The virial radius Rv is the radius of this sphere, and the concentra-
tion is defined as the ratio between the virial radius and the scale
radius of the profile, c ≡ Rv/rs. It is important to note that differ-
ent authors use different definitions for the viral radius. In some
cases the overdensity is not referred to the mean matter density,
rather to the critical density ρc(z) = 3H2(z)/8piG. Yet others use
different values of the overdensity, usually the value computed for
the collapse of a spherical overdensity, that in an Einstein-de Sitter
universe is constant and equals ∆v ≃ 178. It is expected that differ-
ent choices assign different values of the concentration to the same
virial mass, hence effectively modifying the power spectrum on
small scales. We adopted the overdensity with respect to the aver-
age density for consistency with the Sheth & Tormen (2002) mass
function, that was calibrated against numerical simulations where
dark matter lumps were detected via spherical overdensity methods
(Tormen 1998). They actually used ∆v = 178, but we checked that
this does not make a significant difference for the resultant power
spectrum.
Given the previous considerations, the comoving scale density
can then be written as
ρs =
∆v
3
ρm
c3
Gα(c) , (19)
and the comoving scale radius as
rs =
(
3M
4pic3∆vρm
)1/3
. (20)
Please note that the scale radius is independent on the slope α,
while the scale density is not.
The concentration of a dark matter halo is actually linked to
the virial mass according to the hierarchical paradigm for structure
formation, since it is expected that small structures collapse ear-
lier and hence are more compact at a given redshift. We discuss
the exact nature of this relationship further below. Thus, once the
inner slope of the profile α is specified, the dark matter distribu-
tion depends effectively only on mass and redshift. Hence, for a
dark matter halo of mass M at redshift z from this moment on we
write the density profile as ρ(r, M, z). We indicate with ρˆ(k, M, z)
the Fourier transform of ρ(r, M, z) with respect to the radius, which
can be written as
ρˆ(k, M, z) = 4pi
∫ Rv
0
ρ(r, M, z) sin(kr)kr r
2dr. (21)
This definition conveniently implies ρˆ(0, M, z) = M, although it
neglects matter outside the virial radius (see the discussion below).
When α = 1 the Fourier transform of the density profile can be
expressed analitically, according to
ρˆ(k, M, z) = 4piρsr3s
[
sin(krs) (Si[(1 + c)krs] − Si(krs)) +
+ cos(krs) (Ci[(1 + c)krs] − Ci(krs)) −
− sin(krsc)(1 + c)krs
]
(22)
(Scoccimarro et al. 2001; Rudd, Zentner, & Kravtsov 2008), where
Si(x) and Ci(x) are the sine and cosine integrals respectively. When
α is different from unity, we have instead to resort to numerical
integration. Please note that, for x → 0, Si(x) ≃ 0 while Ci(x) ≃
ln(x), thus we have that ρˆ(0, M, z) = 4piρsr3s G1(c), that, according
to Eq. (16), correctly equals the virial mass of the halo.
In Figure 1 we show the density profiles of dark matter halos
with different masses and redshifts and their Fourier transforms.
c© 0000 RAS, MNRAS 000, 000–000
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Figure 1. Left panel. The density profiles of dark matter halos with different masses and redshifts, as labelled in the various panels. Different line styles and
colors refer to different slopes of the inner density profiles, namely α = 0.5 (red long-dashed), α = 1 (black solid line) and α = 1.5 (green dot-dashed line).
Right panel. The Fourier transform of the same density profiles shown in the left panel. The concentration was related to the virial mass via the prescription of
Eke, Navarro, & Steinmetz (2001). Note that at small wavenumbers the Fourier transform of the density profile correctly equals the virial mass.
We plot results for three different values of the inner slope α, and
we adopted the Eke, Navarro, & Steinmetz (2001) prescription in
order to relate the mass to the concentration of dark matter ha-
los. We discuss this choice further below. Due to the sine func-
tion present in the integral in Eq. (21), the Fourier transform of the
density profile presents wiggles at small scales, whose strength in-
creases with decreasing α. This can be naively understood since
profiles with smaller α are flatter, and hence it is expected that their
Fourier transforms have more fluctuations at large wavenumbers.
3.2 Power spectrum
Let now PL(k, z) be the linear power spectrum of density fluctua-
tions extrapolated at redshift z. We assumed it to be the same both
in the reference Gaussian model and in non-Gaussian cosmologies.
According to the halo model, the fully non-linear spectrum P(k, z)
can be written as the sum of two terms that read as follows.
P1(k, z) =
∫
+∞
0
n(M, z)
[
ρˆ(M, z, k)
ρm
]2
dM (23)
and
P2(k, z) =
[∫
+∞
0
n(M, z)b(M, z, k) ρˆ(M, z, k)
ρm
dM
]2
PL(k, z). (24)
In the two previous equations, n(M, z) is the standard mass func-
tion while b(M, z, k) is the linear bias, both introduced in Section 2
above.
The full non-linear power spectrum on large scales is dom-
inated by the second term , P(k, z) ≃ P2(k, z). As noted by Seljak
(2000), for self-consistency it is necessary that this term approaches
the linear power spectrum in the limit k ≪ 1h Mpc−1, which im-
poses the nontrivial constraint∫
+∞
0
n(M, z)b(M, z, k) M
ρm
dM = 1 (25)
in that limit. Analogously to the previous mass function constraint
in Eq. (14), we practically enforced the constraint in Eq. (25) by
adding a constant to the bias in the smallest mass bin adopted in
the numerical integration. There is one point worth of discussion
about Eq. (25). While in the Gaussian model this constraint can be
computed only once, given the redshift, in a non-Gaussian cosmol-
ogy this computation has to be performed at each scale at which we
are interested in computing the power spectrum. Strictly speaking,
the condition needs to be enforced only in the limit k ≪ 1h Mpc−1,
therefore we would have the freedom to relax it for k & 1h Mpc−1.
However, it is not clear at which scale the transition between cor-
rected and uncorrected bias should happen, neither how fast this
transition should be. Therefore, we chose not to use this freedom,
and to enforce the condition in Eq. (25) for all k in non-Gaussian
models.
In the remainder of this paper, unless explicitly noted, instead
of the power spectrum we will refer to the dimensionless power
∆
2(k, z), defined as
∆
2(k, z) ≡ 4pik
3P(k, z)
(2pi)3 . (26)
The last thing that remains to be defined in order to fully
specify the halo model is the relation between the virial mass and
the concentration of dark matter halos. This is of fundamental im-
portance at very small scales, where the power spectrum is ex-
pected to be dominated by the correlations of dark matter parti-
cle pairs that are inside the same halo. In order to do this, there
exist prescriptions based on the study of samples of dark mat-
ter halos extracted from high-resolution Gaussian cosmological
simulations (Navarro, Frenk, & White 1996; Bullock et al. 2001;
Eke, Navarro, & Steinmetz 2001; Dolag et al. 2004; Gao et al.
2008). Many authors however (Cooray, Hu, & Miralda-Escude´
2000; Refregier & Teyssier 2002), prefer to adopt a concentration-
mass relation for which the halo model matter power spectrum is a
good fit to the spectrum measured in n-body simulations of Gaus-
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sian cosmologies. The latter is often assumed to be well represented
by the prescriptions of Peacock & Dodds (1994) and of Smith et al.
(2003), both of which are implemented by the publicly available
halofit code.
In a perfectly consistent picture of structure formation, the two
described approaches should give equivalent results. In practice
however, this is not the case. As noted by Huffenberger & Seljak
(2003), in order for the first approach to reproduce numerically
simulated spectra, the amplitude of the concentration-mass rela-
tion adopted should drop with redshift more steeply than predicted
by both the Bullock et al. (2001) and Eke, Navarro, & Steinmetz
(2001) prescriptions. Huffenberger & Seljak (2003) argue that the
halo model with a concentration-mass relation derived directly by
simulated dark matter halos should be adopted as physically moti-
vated, while the fits of Peacock & Dodds (1994) and Smith et al.
(2003) to numerically simulated power spectra should not be
trusted beyond the range where they have been tested, that is
k . 40h Mpc−1 at z = 0 and even k . 10h Mpc−1 at high redshift.
We obtained results that are somewhat consistent with this inter-
pretation. In fact, we found that by using the halo model with the
concentration-mass relation given by Eke, Navarro, & Steinmetz
(2001) produces a z = 0 power spectrum that is in broad agree-
ment with the halofit result. Moving at high redshift we find
instead that the halo model power spectrum is higher than the
halofit results for k & 10 − 20h Mpc−1, with the difference
growing with redshift. If we require the concentration to drop
with redshift more steeply than with the Eke, Navarro, & Steinmetz
(2001) recipe, as suggested by Huffenberger & Seljak (2003), we
would reduce the power at small scales and high redshift, hence
reducing the discrepancy. As a matter of fact, multiplying the
Eke, Navarro, & Steinmetz (2001) concentrations by the extra fac-
tor (1 + z)−1/2 we obtained a fair agreement, as shown in Figure
2.
We also tried to use the concentration-mass relation that
Cooray et al. (2000) found to give a good fit to numerically sim-
ulated power spectra (see also Refregier & Teyssier 2002). We
found that the resulting power at small scales is higher than the
halofit results. This is likely a consequence of the fact that the
fit of Cooray et al. (2000) (as the authors themselves note) is valid
only for the specific cosmological model they used, that in partic-
ular has a higher normalization σ8 than our. This implies larger
halo concentrations for fixed mass and redshift, and hence more
power at large wavenumbers. Approaches similar in spirit to those
of Cooray et al. (2000) and Refregier & Teyssier (2002) have re-
cently been followed by Berge, Amara, & Refregier (2009) in or-
der to find a suitable version of the mass-concentration relation of
dark matter halos.
A distinct possibility is that the fits to numerically simulated
power spectra are indeed correct even beyond their range of ap-
plicability, but the halo profile to be inserted in the halo model is
not the true profile of dark matter halos, since other effects such
as halo substructure and triaxiality can affect the power spectrum
on small scales (Cooray et al. 2000). However, Seljak (2000) and
Huffenberger & Seljak (2003) argue that at least the effect of sub-
structures is not significant.
Finally, as a last point we note that some degree of disagree-
ment is also present in the intermediate regime in Figure 2. This
was also found and discussed by Huffenberger & Seljak (2003),
who state that the halo model is not expected to be perfect at inter-
mediate scales because of several factors, for instance the fact that
we ignore the matter outside the virial radius in the Fourier trans-
form in Eq. (21) and the contribution from the single halo term
Figure 2. The dimensionless power computed according to the halo model
in the reference Gaussian cosmology for three different redshifts, z = 0,
z = 1 and z = 2, from top to bottom respectively. Results are compared
with the recipes of Peacock & Dodds (1994) and Smith et al. (2003) com-
puted with halofit, as labeled. The concentration-mass relation is the
one prescribed by Eke, Navarro, & Steinmetz (2001), with concentrations
multiplied by the additional factor (1 + z)−1/2.
Figure 3. The fully non-linear dark matter dimensionless power in the ref-
erence Gaussian cosmology at z = 0 for three different values of the inner
slope of dark matter halos, as labelled in the plot. Also, the long-dashed
and dot-dashed curves represent the 1-halo and 2-halo contributions to the
non-linear power spectrum for α = 1. In all cases, the mass-concentration
relation from Eke, Navarro, & Steinmetz (2001) has been adopted, with the
redshift correction needed to match the halofit results.
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Figure 4. The ratio of the matter power spectrum computed in non-Gaussian cosmologies to the Gaussian one, for three different redshifts, as labeled. The left
panel shows results for the local model with fNL = 145, while the right panel refer to a model with equilateral shape of the bispectrum, exponent of the scale
dependence of the non-Gaussian amplitude κ = −0.2 (see Eq. 4) and fNL = 330. Such numbers are the largest positive allowed by the WMAP data analysis of
Komatsu et al. (2009).
of the power spectrum is certainly overestimated for k ≪ 1/Rv.
It is quite clear that with the precision of upcoming experiments
for the measurement of the non-linear power spectrum, it is going
to be necessary to find a unique prescription for the power spec-
trum, valid on all scales and in agreement with the mean structure
of individual halos. However, for the time being we are interested
in relative deviations with respect to the fiducial Gaussian ΛCDM
cosmology, hence we stick to our choice.
In Figure 3 we show the fully non-linear power spectrum of
the dark matter in the Gaussian cosmological model for three dif-
ferent values of the inner slope of dark matter halos. The con-
centrations are computed again according to the prescription of
Eke, Navarro, & Steinmetz (2001) with the correction factor (1 +
z)−1/2, and for the case α = 1 the separate contributions from the
1-halo and 2-halo terms are also shown. As it is expected, the in-
ner slope mainly affects the power spectrum at large wavenum-
bers, with the dimensionless power increasing with increasing α.
The effect of the inner slope of halo density profiles on the power
spectrum for the rather extreme values shown in Figure 3 can be
quite large at small scales, and in fact we show below that for large
enough wavenumbers it does overcome the effect of primordial
non-Gaussianity captured by the halo model.
For realistic models of non-Gaussianity, it turns out that the
shift of the matter power spectrum due to the corrections of the
bias and of the mass function is very small, such that it is almost not
visible on the scale of e.g., Figure 3 (see for instance Grossi et al.
2008). Hence, in Figure 4, we plot the ratio of the matter power
spectrum for non-Gaussian cosmologies to the Gaussian one, with
all quantities computed adopting α = 1. Shown are the results
for primordial bispectra of the local and equilateral shapes (with
κ = −0.2), with fNL matching the largest possible positive values
allowed by CMB constraints (Komatsu et al. 2009).
As can be seen, due to non-Gaussianity with positive fNL,
the power spectrum is increased at intermediate scales. At large
scales the ratios get closer to unity, because the power spectra are
dominated by the two-halo term, which is normalized such to re-
produce the linear power spectrum, which is the same in Gaus-
sian and non-Gaussian cosmologies. We show results for three dif-
ferent redshifts, indicating that the effect of non-Gaussianity is
larger for higher z, as one might expect. The absolute increase
in power at intermediate scales is quite moderate, being at most
of ∼ 4% at high-z for the local shape and ∼ 6% for the equi-
lateral shape. The general qualitative behavior of the ratio of the
non-Gaussian power spectra to the Gaussian one is quite indepen-
dent of the shape of the primordial bispectrum, and also resembles
the one reported by Amara & Refregier (2004), that adopted com-
pletely different non-Gaussian models. Thus, this trend seems to
be a quite general property of non-Gaussian distributions with pos-
itive skewness. The fact that non-Gaussianities of the equilateral
shape give a larger deviation in terms of the matter power spectrum
might seem counter intuitive, since the corrections to the bias are
larger in the local than in the equilateral case (Matarrese & Verde
2008; Fedeli, Moscardini, & Matarrese 2009). However, it should
be recalled that the bounds on fNL given by CMB are looser for
the equilateral as compared to the local shape. As a matter of
fact, we checked that considering a local non-Gaussian model with
fNL = 330, as is the case for the equilateral model, the ratio be-
tween the non-Gaussian and the Gaussian power spectra is in fact
larger than for the equilateral case, reaching up to ∼ 8% for the
high redshift curve.
In Figure 4 we have shown results only for positive values
of fNL. This is because the CMB constraints on the level of non-
Gaussinity, that we chose to follow in this part of the work, are
highly asymmetric. For instance, the largest negative value of fNL
that is allowed by CMB constraints for non-Gaussianity of the lo-
cal type is only fNL = −12, for which we expect almost no ef-
fect. As we verified, negative values of fNL give rise to a symmet-
ric behavior of the matter power spectrum around PG(k, z) with
respect to positive values. This is also clear from other works
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(Giannantonio & Porciani 2009) and from the following discussion
in Section 4.
Numerical simulations of non-Gaussian matter density
fields, and computations based on renormalized perturba-
tion theory (Grossi et al. 2008; Desjacques, Seljak, & Iliev 2009;
Pillepich, Porciani, & Hahn 2009; Taruya, Koyama, & Matsubara
2008; Giannantonio & Porciani 2009) also find an increment in the
matter power spectrum due to local non-Gaussianity with positive
skewness at the level of few percent. Also, they verify the qual-
itative behavior according to which at large scales (the only that
can be probed by contemporary simulations and renormalized per-
turbation theory with one or two loop corrections), the effect of
non-Gaussianity is milder for higher redshift.
There are factors that can affect the matter power spectrum
differently in a non-Gaussian and Gaussian cosmology that are not
captured by the simple halo model. For instance, due to the differ-
ent structure formation process, it is possible that the mean halo
density profile, ellipticity and substructure content are different, as
well as the amount of matter outside the virial radius, all of which is
neglected by the halo model. In order to exemplify one of these ef-
fects, in Figure 5 we show the effect of variations in the inner slope
of average dark matter halo density profiles in non-Gaussian mod-
els, and compare it with the effect of primordial non-Gaussianity it-
self on the mass function and halo bias, that is instead automatically
included in the halo model. As can be seen, the effect of a ∼ 10%
shift of the inner slope overcomes the effect of non-Gaussianity in-
cluded in the halo model at scales k . 1h Mpc. Larger deviations
from the fiducial slope α = 1 produce even starker modifications,
shifting the transition scale up to k ∼ 0.6h Mpc−1. The fact that the
effect of halo density profile on the matter power spectrum can be-
come larger than the effect of non-Gaussianity captured by the halo
model was already pointed out by Amara & Refregier (2004).
Another fact that is to be taken into account is that, while
no secure prediction on the inner slope of dark matter halos in
non-Gaussian cosmologies has been produced (with the exception
of Avila-Reese et al. 2003, that however used very different non-
Gaussian models from our own), some uncertainty on the value
of α is also present in Gaussian cosmologies (Moore et al. 1998;
Diemand et al. 2005). As we verified, if the fluctuations on α in
Gaussian and non-Gaussian cosmologies are similar, the two ef-
fects cancel, so that the ratio between the two power spectra is al-
most unchanged on the scales of Figure 4. This, together with the
very fact that no sharp increase (or decrease) of the matter power
spectrum for non-Gaussian cosmologies with respect to the Gaus-
sian case is detected at the scales probed by numerical simulations
(e.g., Grossi et al. 2008) indicates that there should be no large dif-
ferences in the value of α in the two kinds of cosmological models.
In order to properly gauge the effect of primordial non-
Gaussianity on the matter power spectrum that is not automatically
captured by the simple halo model, a more detailed understanding
of the mean dark matter halo profile, especially in non-Gaussian
cosmologies, should therefore be achieved. This, as well as the as-
sessment of the other uncertainties mentioned above, would require
larger ensembles of non-Gaussian simulations and a more careful
analysis thereof, which is clearly not the point in our study. Here
we limit ourselves to point out that, although the general effect of
non-Gaussianity is fairly captured, one should expect some higher
order difference between the halo model, numerical simulations,
and other ways to estimate the matter power spectrum. With this
cautionary remark in mind, we proceed with the computation of
the weak lensing power spectrum by setting α = 1, deferring fur-
Figure 5. The ratio between the matter power spectrum in the labeled cos-
mology with non-Gaussian initial conditions computed assuming an inner
slope for the mean dark matter halo density profile different from unity
(again as labeled in the plot) to the same quantity computed instead with
α = 1. For reference, we also report the ratio of the power spectrum in the
non-Gaussian model to the same quantity in the Gaussian one for α = 1 (as
in Figure 4). All quantities refer to z = 0.
ther discussion of the effects that are not considered here to Section
5.
4 RESULTS
4.1 Weak lensing power spectrum
According to Bacon, Refregier, & Ellis (2000) and
Bartelmann & Schneider (2001), the power spectrum of the
lensing convergence can be written as
Cl =
9H40Ω2m,0
4c4
∫ χH
0
P
(
l
fK (χ) , χ
)
W2(χ)
a2(χ) dχ, (27)
where χ = χ(z) is the comoving distance out to redshift z, a(χ)
is the scale factor normalized to unity today and fK(χ) is the co-
moving angular-diameter distance corresponding to the comoving
distance χ, which depends on the spatial curvature K of the Uni-
verse. The integral in Eq. (27) extends formally out to the horizon
size χH, however the integrand becomes zero well before this limit
is reached, due to the absence of sources at z & 4 (see below). The
redshift distribution of sources n(z) has a fundamental role in the
evaluation of the weak lensing power spectrum, as it defines the
integration kernel
W(χ) =
∫ χH
χ
n(χ′) fK (χ − χ
′)
fK (χ′) dχ
′ . (28)
The Eq. (27) for the convergence power spectrum was ob-
tained using Fourier expansion and the Limber’s approximation
(Bartelmann & Schneider 2001), while the exact expression would
make use of spherical harmonic expansion. However, it was re-
cently shown by Jeong & Komatsu (2009) that, at least when con-
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Figure 6. Left panel. The redshift distributions fitted by Van Waerbeke, Mellier, & Hoekstra (2005) and Semboloni et al. (2006) to the HDF data and the fit
obtained by Benjamin et al. (2007) using Eq. (29). Right panel. The integration kernels corresponding to each of the redshift distributions shown on the left
with the same line types and colors.
sidering only the convergence power spectrum, the accuracy of the
Limber’s approximation is very good, better than 1% at l > 10,
corresponding to 2pi/l . 2 × 103 arcmin.
Several choices for the redshift distribution of background
sources to be adopted for cosmic shear studies are available
in the literature. One of the most recent ones is presented
in the work of Benjamin et al. (2007), where a detailed anal-
ysis of the photometric redshift distribution in four different
fields is reported. The four fields considered were the Canada-
France-Hawaii Telescope Legacy Survey (CFHTLS) wide sur-
vey (Van Waerbeke et al. 2002; Hoekstra et al. 2006), the GaBoDS
field (Hetterscheidt et al. 2007), the VIRMOS-DESCART project
(Van Waerbeke et al. 2001; McCracken et al. 2003; Le Fe`vre et al.
2004), and the RCS survey (Hoekstra et al. 2002). Benjamin et al.
(2007) fitted the photometric redshift distribution in the four fields
using the three-parameter formula
n(z) = β
z0Γ
[(1 + α)/β]
(
z
z0
)α
exp
−
(
z
z0
)β . (29)
The same fitting formula has also been used by
Van Waerbeke, Mellier, & Hoekstra (2005) and Semboloni et al.
(2006) to fit the photometric redshift distribution of the Hubble
Deep Field (HDF). As noted by Benjamin et al. (2007) and
suggested by Van Waerbeke et al. (2006) however, the HDF suffers
of sample variance, and maybe it is also subject to a selection
bias. Benjamin et al. (2007) noted that the formula in Eq. (29)
does not fit very well their photometric redshift distribution if all
galaxies are included, and proposed a different functional form
that performed a better fit. However, when considering only their
high-confidence redshift interval (outside which the fraction of
catastrophic errors reaches 40 − 70%), Eq. (29) becomes a good
fit. We chose to stick to this choice, and for each of the three
parameters in Eq. (29) we adopted the mean of the values for the
four fields analyzed by Benjamin et al. (2007).
In order to show the effect of different choices for the back-
ground source redshift distribution, in Figure 6 we report the red-
shift distributions of Van Waerbeke, Mellier, & Hoekstra (2005),
Semboloni et al. (2006), and Benjamin et al. (2007) with the re-
spective integration kernels. As expected, when z → 0 the kernel
tends to the integral over the source redshift distribution, that is
correctly normalized to unity. Independently of the assumed source
redshift distribution, the kernel already vanishes at χ ≃ 1.5c/H0,
corresponding to z ≃ 3. In Figure 7 we show the weak lensing
power spectra that we computed in the ΛCDM model for the three
distributions, using the matter power spectrum evaluated with the
halo model described above in Section 3. As can be seen, the dif-
ference between different power spectra can be quite significant,
especially at intermediate scales, implying that the choice of the
redshift distribution must be carefully addressed, given the preci-
sion level reached by future surveys.
The three power spectra tend to coincide in the linear regime at
very large scales. This is because on these scales the integral in Eq.
(27) is dominated by the low-redshift contribution, where the dif-
ferences between the three integration kernels are minimal. Moving
in the non-linear regime, at small scales, differences between dif-
ferent n(z) become apparent, in particular the power spectrum for
the redshift distribution of Benjamin et al. (2007) deviates more
significantly from the power spectra for the redshift distributions
of Van Waerbeke, Mellier, & Hoekstra (2005) and Semboloni et al.
(2006). This is consistent with the larger deviations that are appar-
ent for the former distribution in the weight function W(χ).
Also shown in the same figure is the Gaussian statistical er-
ror for the power spectrum computed for the redshift distribution
of Van Waerbeke, Mellier, & Hoekstra (2005). According to Kaiser
(1992, 1998); Seljak (1998); Huterer (2002) this has been evaluated
with the prescription
∆Cl =
√
2
(2l + 1)∆l fsky
(
Cl +
γ2
n¯
)
. (30)
In Eq. (30), n¯ is the average number density of galaxies in the sur-
vey at hand, that we assumed equal to n¯ = 40 arcmin−2, fsky is
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Figure 7. The fully non-linear weak lensing power spectra computed for
the three different choices of source redshift distribution detailed in the
text, as labelled in the plot. The gray shaded area shows statistical uncer-
tainty on the power spectrum computed with the redshift distribution of
Van Waerbeke, Mellier, & Hoekstra (2005). The background cosmology is
the reference Gaussian one.
the survey area in units of the sky area, that we posed equal to 0.5
and γ is the rms intrinsic shape noise for each galaxy, that we set
equal to γ = 0.22 (Zhang, Yuan, & Lan 2009). Such numerical val-
ues are the goals for the proposed ESA space mission EUCLID,
and will be used for the rest of this paper. The parameter ∆l in Eq.
(30) represents the width of the multipole bin within which power
is measured. For simplicity, we set ∆l = 1 here and in the remain-
der of this paper. In Takada & Bridle (2007); Takada & Jain (2009)
it was shown that the multipole bin width ∆l does not significantly
affect the likelihood values and the parameter estimation as long as
the multipole binning is not too coarse and the weak lensing power
spectrum does not show sharp variations within each bin. Finally,
it has been shown that the simple Gaussian prescription in Eq. (30)
is in agreement with more elaborated error definitions on the scales
where non-Gaussian errors are negligible (Fosalba et al. 2008).
We computed the weak lensing power spectra for the non-
Gaussian models with local and equilateral shapes of the primordial
bispectrum, using the three source redshift distributions described
above and computing the matter power spectrum as described in the
previous Sections. In Figure 8 we show the ratio of the power spec-
tra computed in the non-Gaussian models to the reference Gaussian
case. As before, the models have the maximal values of the param-
eter fNL that are allowed by CMB constraints (see Komatsu et al.
2009).
The deviations from Gaussianity are very small, at the level of
a few percent at most. Interestingly, if we exclude the small scale
part of the plot, the deviation from the Gaussian model would be
maximal at scales included between ∼ 10 arcmin and ∼ 100 ar-
cmin, that is where the statistical error on the ratio is minimal (of
the order of ∼ 10% according to standard error propagation), hence
we expect the bulk of the cosmological signal to come from this
region. We note that the deviations from the Gaussian weak lens-
ing power spectrum are consistent with the deviations on the three-
dimensional matter power spectrum, which, e.g., in the local shape
case, grow above 4% only at z > 2, where very few sources are
present. The trend presented in Figure 8, namely of non-Gaussian
power spectra being larger than the reference Gaussian one at in-
termediate scales and lower at very small scales is in qualitative
agreement with the results of Refregier & Teyssier (2002), imply-
ing that this might be a generic feature of all non-Gaussian models
with a positive skewness. We also note that virtually no difference
in this result is due to the choice of the background source redshift
distribution. Therefore from this moment on, unless noted other-
wise, we focused uniquely on one distribution, namely the one of
Benjamin et al. (2007).
4.2 Weak lensing tomography
It is possible to increase the amount of information that is obtain-
able from weak lensing surveys by employing weak lensing tomog-
raphy (Hu 1999; Takada & White 2004). This consists of subdi-
viding the redshift distribution in several bins, compute the power
spectra considering those sources that are in each bin only, and then
combine the information from different redshift bins. More practi-
cally, Eq. (27) can be generalized to consider the cross correlation
power spectra for different redshift bins, as
C i jl =
9H40Ω2m,0
4c4
∫ χH
0
P
(
l
fK (χ) , χ
) Wi(χ)W j(χ)
a2(χ) dχ, (31)
where the kernels now read
Wi(χ) =
∫ χH
χ
ni(χ′) fK(χ − χ
′)
fK(χ′) dχ
′. (32)
In the previous equation, the redshift distribution ni refers to the
i−th redshift bin, and must be normalized such that∫ χH
0
ni(χ)dχ = 1 (33)
for all i. Here, we considered three redshift bins, each one of which
contains one third of the total amount of sources, adopting the dis-
tribution of Benjamin et al. (2007). The two redshifts that separate
the three bins are z1 = 0.60 and z2 = 0.96. In our case hence i
and j run between 1 and nz = 3. As noted in Ma, Hu, & Huterer
(2006) and Sun et al. (2009), the discriminating power of cosmic
shear increases with increasing nz until nz = 5, however in order
to be conservative we decided not to make the redshift binning too
fine, limiting ourselves to three redshift bins only.
In Figure 9 we show the ratios of the non-Gaussian power
spectra computed for each of the three bins considered here to the
corresponding quantities evaluated in the Gaussian cosmology. As
can be seen, for higher redshift bins the peak of the deviation tends
to shift toward smaller angular scales. This could be naively ex-
pected, since higher source redshift bins include higher redshift
matter power spectrum information, and according to Figure 4 the
peak of deviation between the Gaussian and non-Gaussian spectra
shifts at smaller scales with increasing redshift. Nevertheless, no
significant change in the maximum deviation is seen for the three
source redshift bins considered here but, as we show below, com-
bining information of different bins does improve the constraining
power of cosmic shear. We additionally tried to recompute Figure
9 by adopting the two other source redshift distributions detailed
above. We found no practical change in the effect of primordial
non-Gaussianity, implying that the three n(z) are too similar to each
other in order for one to be appreciably preferred over the others.
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Figure 8. The ratios of weak lensing power spectra computed for the two non-Gaussian models considered here to the ΛCDM cosmology. The three source
redshift distributions assumed are labeled in the plot and discussed in the text.
Figure 9. The ratios of the weak lensing power spectra computed in the two non-Gaussian models adopted here to the same quantity for the Gaussian
cosmology. Different line types and colors refer to the three redshift bins that we adopted for weak lensing tomography, as labeled.
We attempted a statistical analysis in order to understand what
kind of constraints can be put on the value of fNL by using weak
lensing only, and how these improve upon inclusion of the tomo-
graphic information. We stress here that this statistical analysis is
simplified, since it does not include, e.g., a proper treatment of
weak lensing shear systematics and the effect of marginalization
over other cosmological parameters. For this analysis, we consid-
ered multipoles included in the range between l1 = 50 and l2 =
3000, since little cosmological information can be extracted out-
side this range. Additionally, at l > l2 the effect of baryon physics,
that we ignored, starts to be important (White 2004; Zhan & Knox
2004; Jing et al. 2006), and non-Gaussian errors due to the cou-
pling of different models caused by non-linear clustering, that we
did not include, begin to be significant with respect to Gaussian
errors (White & Hu 2000; Cooray & Hu 2001).
Given all the above, the covariance matrix for weak lensing
tomography has nz(nz + 1)nl/2 independent elements, where nl =
l2−l1 = 2950, and it can be written as (Huterer et al. 2006; Ma et al.
2006; Sun et al. 2009)
Γ
(
C i jl ,C
km
l′
)
=
δll′
(2l + 1)∆l fsky
[(
C ikl + δik
γ2
n¯i
) (
C jml + δ jm
γ2
n¯ j
)
+
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+
(
C iml + δim
γ2
n¯i
) (
C jkl + δ jk
γ2
n¯ j
)]
≡ Γαβ, (34)
where α and β run from 1 through nz(nz + 1)nl/2. We note that the
presence of δll′ implies that no correlation is considered between
different multipoles, and this is a consequence of the fact that we
ignored the non-Gaussian part of the signal covariance. This means
that, if we let the matrix indices run over all the redshift bin pairs for
a fixed l and then change l and repeat the operation, the covariance
matrix (and hence its inverse) is a block diagonal matrix, where in-
dividual blocks correspond to covariance matrices between differ-
ent redshift bins for a fixed multipole. Here, as before, we adopted
∆l = 1 and values of the three parameters fsky, γ, and n¯ correspond-
ing to the EUCLID goals.
According to this discussion, we can define a χ2 ( fNL) function
as
χ2( fNL) =
∑
l
∑
αβ
[
Cαl − yαl ( fNL)
]
Γ
−1
αβ(l)
[
Cβl − yβl ( fNL)
]
, (35)
where α and β now do not run from 1 to nz(nz + 1)nl/2, but only
from 1 through nz(nz + 1)/2 = 6, i.e., the number of redshift bin
independent pairs. This kind of procedure is correct as long as we
can neglect the non-Gaussian part of the covariance matrix (see
Takada & Bridle 2007; Takada & Jain 2009 for details). We as-
sumed the measured data C i jl to be the weak lensing power and
cross spectra computed in the Gaussian cosmology, and the models
yi jl ( fNL) to be the spectra computed in a given non-Gaussian model
with a fixed value of fNL. To account for the fact that the measured
power and cross spectra values would not be the exact theoretical
values, at each multipole we randomly perturbed the values of the
spectra around the fiducial theoretical values according to a Gaus-
sian distribution with variance given by Γ
(
C i jl ,C
i j
l′
)
. We repeated
this procedure 128 times, each time changing the seed for the gen-
eration of random numbers, and used the average χ2( fNL) values
for the subsequent analysis.
When no tomography is applied, i.e., we have only one red-
shift bin, then the covariance matrix takes the form
Γ (Cl,Cl′ ) = δll
′
(2l + 1)∆l fsky 2
(
Cl +
γ
n¯
)2
= δll′∆C2l , (36)
and hence the χ2( fNL) function reads
χ2( fNL) =
∑
l
[
Cl − yl( fNL)]2
∆C2l
, (37)
which is the standard χ2( fNL) definition.
Given the assumptions above, it follows that the minimum
value of χ2( fNL) is reached for fNL = 0, and it is approxi-
mately equal to the number of degrees of freedom ν. Hence, we
can set χ2
min ≡ χ2(0) ≃ ν and define a ∆χ2( fNL) function as
∆χ2( fNL) ≡ χ2( fNL) − χ2min. In the simple weak lensing case we
have ν = nl − 1 = 2949, while for weak lensing tomography
ν = nz(nz + 1)nl/2 − 1 = 17699. Were the non-Gaussian power
and cross spectra identical to the Gaussian ones, then we would
have had ∆χ2 = 0. In any other case, ∆χ2 > 0. The bigger ∆χ2
is, the better the Gaussian and non-Gaussian models can be dis-
tinguished or, in other words, at the highest confidence the non-
Gaussian model can be excluded provided we measure the Gaus-
sian power and cross spectra. For the highest value of fNL consistent
with CMB data in the local case, fNL = 145, if no tomography is
applied we found ∆χ2 ≃ 73. For the equilateral shape, for which
we assumed fNL = 330, we obtained ∆χ2 ≃ 150. These very high
values of ∆χ2( fNL) mean that these non-Gaussian models would
Figure 10. The ∆χ2( fNL) function for the weak lensing power spectrum
(black empty circles) and for the weak lensing tomography (red filled
squares), computed assuming a non-Gaussian cosmology with local shape
of the primordial bispectrum. The black solid and red dot-dashed lines rep-
resent the best fit parabolae, as detailed in the text, while the green dotted
horizontal line represents the ∆χ2 value corresponding to a 99% Confidence
Level detection. Note that in order to perform the fit, we also used points at
| fNL | > 100, that are not visible in this plot.
be excluded at a very high confidence level, which would seem at
odds with the results presented in Figure 8. As a matter of fact,
we have shown in that Figure that the degree of deviation from the
weak lensing power spectrum of the ΛCDM model due to primor-
dial non-Gaussianity is much smaller than the statistical error, the
former being of the order of a few percent while the latter being at
least of ∼ 10%. However we have to remind that we are summing
the signal over thousands of multipoles, hence even a very mod-
est signal for a fixed multipole can bring to a significant integrated
discriminative power. Introducing tomography and computing the
∆χ2( fNL) as described above, the two aforementioned values raised
to ∆χ2 = 104 and ∆χ2 = 215 respectively. The raise is expected,
since adding tomographic information increases the discriminative
power of the method.
Because of the computational cost in evaluating weak lensing
and cross power spectra and in order to better relate χ2 intervals
into constraints on fNL, we computed the value of ∆χ2( fNL) for sev-
eral different values of fNL, and then fitted the obtained points with
some analytic expression. The result of this procedure is reported in
Figure 10, where we limited ourselves to the local shape of the pri-
mordial bispectrum since it is expected to give the larger effect for
a fixed fNL value. We found that a parabola is an excellent fit to the
∆χ2( fNL) function, implying the interesting fact that the power and
cross spectra change linearly with the level of non-Gaussianity fNL.
This remains true despite the slight asymmetry seen in the com-
puted points between positive and negative fNL values, which is
due to the limited number of Monte-Carlo χ2 realizations that we
could compute. The symmetry in the ∆χ2( fNL) function reflects the
symmetry in the behavior of the matter power spectrum with fNL
that we discussed in Section 3. As one could naively expect, the
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Table 1. Constraints on fNL at different CLs for the two cosmic shear observables considered in this work and for the local non-Gaussian model.
Probe 68.3% CL 90% CL 95.4% CL 99% CL
Weak lensing power spectrum | fNL | . 17 | fNL | . 28 | fNL | . 34 | fNL | . 43
Weak lensing tomography | fNL | . 14 | fNL | . 23 | fNL | . 28 | fNL | . 36
∆χ2( fNL) function in the case of weak lensing tomography is nar-
rower than when we consider the power spectrum only, implying
that stronger constraints can be put in the former case.
Since we are operating with one single parameter and under
the assumption of normally distributed errors, we can directly trans-
late χ2 variations into Confidence Levels (CLs) for the amount of
non-Gaussianity fNL. The kind of constraints that can be expected
by a EUCLID-like survey by using weak lensing only are | fNL | .
few tens, with a ∼ 20% improvement given by weak lensing to-
mography. In Table 1 we summarize the outcome of our statisti-
cal analysis, reporting the constraints on fNL at different CLs by
using both the weak lensing power spectrum only and the weak
lensing tomography. As can be seen, the constraints at 99% CL
are already a factor of ∼ 3 better than current WMAP constraints
on positive fNL values (Komatsu et al. 2009). At 68% CL, the con-
straints coming from cosmic shear are expected to be competitive
with other future experiments based, e.g., on the Integrated Sachs-
Wolfe effect (Sachs & Wolfe 1967; Carbone, Verde, & Matarrese
2008). Currently, the only constraints coming from probes alterna-
tive to, and claimed to be more powerful than the CMB constraints
are detailed in Slosar et al. (2008). There, the authors make use of
Large Scale Structure data, as probed by a combination of different
tracers, getting fNL < 70 at 95% CL. According to Table 1 our re-
sults show that the cosmic shear measurements by EUCLID should
improve upon this of about a factor of 2. In the future however, the
leading constraints on the level of non-Gaussianity should still be
mostly given by the CMB, with Planck predicted to detect devi-
ations from Gaussianity at the level of fNL ≃ few (Sefusatti et al.
2009).
5 DISCUSSION AND CONCLUSIONS
In this work we computed the weak lensing power spectrum in
various cosmological models with non-Gaussian initial conditions,
and the relative statistical uncertainties that are expected for future
large area optical surveys. The underlying non-linear matter power
spectrum was evaluated using the semi-analytic halo model, that by
construction depends on the internal structure of dark matter halos.
As mentioned in Section 3, it is possible that this internal struc-
ture is different in non-Gaussian with respect to Gaussian models.
For instance, there has been some indication in the literature that
the concentration and/or inner logarithmic slope of dark matter ha-
los in cosmological models with primordial non-Gaussianity and
positive skewness is larger than in the standard ΛCDM cosmology
(Avila-Reese et al. 2003). This is intuitively in agreement with the
fact that in such models it is easier to have high-density peaks, that
should cross earlier the threshold for collapse, with the correspond-
ing structures having more time to relax and compactify. A larger
halo concentration would bring more power at very large wavenum-
bers, modifying the weak lensing power spectrum at small angu-
lar scales. On the other hand, it is not straightforward if and to
what extent this expectation is fulfilled in arbitrary non-Gaussian
models, and this should be verified for the models at hand with
cosmological n-body simulations. We plan to explore this issue in
the future with the numerical simulations presented in Grossi et al.
(2007) (see also Grossi et al. 2008). In Any case, the effect of a
different inner halo structure should show up at scales where the
statistical error is very large, thus affecting our conclusions only in
a minor way.
As partly discussed in the main paper body, the matter power
spectrum has been estimated in numerical simulations of non-
Gaussian cosmologies. However, in order to get the normalization
right, the box sizes of the simulations need to be very large, im-
plying a generically poor mass resolution. This does not allow to
estimate the matter power spectrum below quasi-linear scales. A
similar limitation characterizes renormalized perturbation theory,
where the computation of the matter power spectrum at non-linear
scales would require many loop corrections, that have not been
computed yet. Semi-analytic fit to numerical simulations have been
obviously calibrated in Gaussian scenarios, and it is not clear how
they could be meaningfully extended to non-Gaussian models with-
out new calibrations. Therefore, the halo model, being physically
motivated, seems the only reasonable way to describe the matter
power spectrum down to fully non-linear scales, despite the vari-
ous limitations that have been discussed in detail in Section 3.
In relation to this, a line of investigation that is certainly worth
exploring in the future is the definition of a unique prescription
for computing the matter power spectrum on all scales, that would
be in agreement with simulated power spectra and the mean struc-
ture of n-body dark matter halos. Such prescription should also
be physically motivated, in order to be straightforwardly able to
comprehend the effect of baryons, dark energy and primordial non-
Gaussianity. This task is going to become increasingly important,
as the precision of galaxy redshift and weak lensing surveys in-
creases.
Summarizing our results, we found that primordial non-
Gaussianity has little effect on the matter power spectrum, and
hence also on the cosmic shear power spectrum. This conclusion
is unaffected by the choice of the background source redshift dis-
tribution, as long as the latter is observationally reasonable. Also,
the shape of the primordial bispectrum seem not to have significant
incidence on this qualitative conclusion. Summing the signal over a
large number of multipoles can help to beat down the noise, provid-
ing a 1−sigma detection for a level of non-Gaussianity | fNL| ≃ 17, if
local shape for the primordial bispectrum is assumed and all other
cosmological parameters are held fixed. Including weak lensing to-
mography can increase the constraining power of cosmic shear of
∼ 20%.
These constraints are probably still looser than those that will
be put with the study of e.g., number counts and correlation func-
tion of galaxy clusters in future X-ray surveys (Sartoris et al., in
preparation). However, it is likely that combining these probes with
cosmic shear can help breaking the degeneracy between, for in-
stance, fNL and σ8. A more complete statistical analysis than that
performed here is necessary in order to understand if and at what
c© 0000 RAS, MNRAS 000, 000–000
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level this is confirmed. Finally, it is our future plan to compare the
constraints given in this paper with those that can be obtained from
the abundance of the S/N peaks in cosmic shear maps, a cosmo-
logical probe that has attracted some attention in the literature re-
cently (Berge, Amara, & Refregier 2009; Dietrich & Hartlap 2009;
Maturi et al. 2009). The occurrence of shear peaks depends not
only on the power spectrum of large scale matter distribution, but
also on the abundance of massive dark matter halos, hence it is ex-
pected to have a more constraining power with respect to cosmic
shear alone.
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